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Dust & gas dynamics



Dust grains dynamic 101

The dust grain is coupled to the gas through a drag: 
 

 

This introduces the gain’s stopping time  

In disks, one introduces the Stokes number: 

mgrain
d ⃗vgrain

dt
= −

mgrain

τs
( ⃗vgrain − ⃗vgas)

τs

St = τsΩK
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Gas

⃗vgas ⃗vgrain
Dust grain



Relating  to the grain sizeSt
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Grain

a
λmfp

if a < λmfp if a > λmfp

a

« Epstein regime » « Stokes regime »

τs =
ρgraina

ρgascs
τs =

4ρgraina2

9ρgascsλmfp typically for grains>1cm

Assumes spherical grains. Fluffy grains typically modelled assuming 
an « effective » density



Stokes number in actual discs

Generally speaking, St increases with radius and altitude above the 
midplane 

1mm size spherical grains have St=1 @ 30 AU
6

well coupled grains
well coupled grains

decoupled grains



Dust radial drift
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Ω(R, z) = ΩK [1 + (p + q)( H
R )

2

+ q (1 −
R

R2 + z2 )]
« radial pressure 

support » = η

Slightly sub-
keplerian gaz 

velocity

Grains orbit at the 
Keplerian speed

drag of the gas 
on the dust

As a rule of thumb, grains always drift towards high gas pressure regions

vr,grain = −
ηRΩK

St + St−1

Maximum drift speed for St = 1



Dust vertical settling

Grains should settle towards the midplane on a timescale
 

By 1 million years, all grains with  @ 100 AU should have 
settled 

Something’s happening to prevent settling of low « ish »  St…

τsettling ≃ z / ·z ≃ [ΩKSt]−1

St > 10−3
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gz
vgrain

fdrag
z

R

0 ··z = − Ω2
Kz − ·z /τs(z)

Equation of motion for a grain

gz fdrag



Dust turbulent diffusion
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gz
vgrain

fdrag
z

R

0 ··z = − Ω2
Kz − ( ·z − vgas(z, t))/τs(z)

Equation of motion for a grain

gz Gas 
Turbulence

[Youdin & Lithwick 2007]

On can treat the grain population as a « fluid » and write an equation on the dust density

∂ρd

∂t
=

∂
∂z (zΩ2

Kτs(z)ρd) +
∂
∂z [Dzρg

∂
∂z ( ρd

ρ )]
« turbulent diffusion coefficient »

[Dubrulle +1995]

Terminal velocity of 
dust grains



Dust layer thickness
Result of the advection-diffusion equation for dust grains 
 

 with  

In the large St limit 

 

Typical values for vertical dust diffusion 

MRI:  (Fromang & Papaloizou 2006) 

VSI:  (Dullemond et al. 2022, but see also Stohl & Kley 2017) 

GI:  (Riols et al. 2020)

ρd(z) = ρd(0)exp (−
z2

2H2
d ) Hd

H
=

1

1 + St0ΩK H2

Dz

Hd = H
Dz

St0ΩKH2

Dz /ΩKH2 ≃ 5 × 10−3

Dz /ΩKH2 ∼ 0.2

Dz /ΩKH2 ≃ 10−2

10

St in the disk 
midplane

NB:  and  can be very different!Dz α



Comparing dust settling models to observations
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Figure 10, where model M3 is viewed face-on at a wavelength
of 0.87mm. We multiply the intensity by r2 to focus on the
appearance of local dust density variations. The strongest
features come from radial variations in the density of the largest
grains, which are concentrated into rings with azimuthal
structure superimposed, similar to Stoll & Kley (2016). The
smaller grains are much more smoothly distributed, and
contribute little to these features. Note that the grid is carried
over from the radiation hydrodynamical calculation, and all
features present there are resolved here. In the bottom panel of
Figure 10, we show the same synthetic image convolved with a
Gaussian filter of width 5 au (0 0357 at 140 pc) to mimic an
observation from ALMA. At this resolution, the small-scale
features are smoothed out.

The results show that local concentration of dust material
could still be hidden in the large-scale structure that is usually
observed. This could also be the case for the observation of HL
Tau, which shows concentric rings (ALMA Partnership
et al. 2015). We note that for our VSI turbulent models we
do not observe any long-term pressure maximum that would
cause a high concentration of particles. Instead, the concentra-
tions observed in the VSI simulations arise because of
temporary concentration of grains in short-lived, transient
perturbations to the disk vorticity induced by the VSI, as
described in Richard et al. (2016).

4. Discussion

4.1. Mass Accretion Rate

The median rate of mass accretion onto normal classical T
Tauri stars is about 10−8 M yr−1 (Najita et al. 2015; Kim
et al. 2016). The Reynolds stresses in our VSI calculations
yield much smaller mass flow rates. We estimate the mass
accretion rate using the approximation of M 3p n= S˙ , which is
valid in steady-state and if r R* . At 100 au we approximate
the mass accretion rate to M M2 10 yr10 1» ´ - -˙ ☉ using

H K
2n a= W with 3.8 10 5a = ´ - and H 100 au 14 au=( ) for

both of our models.
Recent best-fit estimates from TW Hya by Herczeg &

Hillenbrand (2008), Brickhouse et al. (2012) determine a mass

accretion rate of M10 yr9 1- -☉ . Assuming a constant mass
accretion rate over radius, and taking the best-fit models
of the gas surface density at 100 au to around 5 g cm 2- ,
H 100 au 9 au=( ) and M M0.87* = ☉ (Menu et al. 2014; van
Boekel et al. 2017), we determine a value of around

4 10TW Hya 4a = ´ - . Such a value is also preferred in terms
of the strength of the dust mixing in their models (van Boekel
et al. 2017).
For the more massive disk around HD 163296, the mass

accretion rate was determined recently by Mendigutía et al.
(2013) to be M4.5 10 yr7 1´ - -☉ . Using the same estimate
as above with the parameter 5 g cm 2- , H 100 au 11 au=( )
and M M0.87* = ☉ (Isella et al. 2016) yield a value of

7.6 10TW Hya 2a = ´ - . However, in this system, such a high
value can be ruled out due to the good visibility of the gaps
(Isella et al. 2016).
Even given these uncertainties for the estimates of the gas

surface density and the fact that the mass accretion rates vary
over radius and time, we think that it is unlikely that the VSI
alone can explain the observed accretion rates. At best, given
the current results and constraints, the VSI could support the
mass accretion rate at larger radii where the conditions required
for short thermal equilibration timescales are fulfilled. In
contrast, magnetized disk models predict a turbulent stress level
two orders of magnitude higher at similar distances from the
star (Flock et al. 2015; Simon et al. 2015b).

4.2. Kinematic Constraints by Observations and VSI Kinematic

Observations of the close-by young protoplanetary disk TW
Hya with ALMA by Teague et al. (2016) have demonstrated
the difficulty of constraining the exact value of the gas
turbulence in the disk by means of molecular line observations.
There are two main limitations to determining the gas
kinematics from the broadened line profile. The first limitation
comes from the fact that the thermal broadening and the
turbulent broadening are difficult to disentangle. In the work by
Flaherty et al. (2015, 2017), and also pointed out by Simon
et al. (2015a), they are able to disentangle these effects by
viewing the molecular line in the spatial domain. However, we
note that if the thermal and turbulence structure are unknown,

Figure 6. Time- and space-averaged vertical distribution of two grain sizes. Left: grain data set for the model M3 taken at 30 au. Right: grain distribution for the
magnetized disk model by Flock et al. (2015) and the grain data set by Ruge et al. (2016) taken at 45 au. For both plots, the green line shows the best-fit constraints
from the systems HL Tau by Pinte et al. (2016) assuming H R 0.007= .
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The Astrophysical Journal, 850:131 (13pp), 2017 December 1 Flock et al.

VSI-unstable 
models

HL-tau constraint 
on settling

[Flock+2017]

VSI is excluded from regions where we observe strong settling 
[e.g. Villenave+2020, 2024]



Vertical shear instability with dust
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Vertical shear instability with multiple dust grains

[Lesur & Latter 2025]
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Two types of wind

Driven by heating of the disc surface by high 
energy radiation from the star 
Launched at radii larger than  [Shu+1993, 
Hollenbach+1994] 
Typical 

Rg

·Mwind ≃ 10−9M⊙/yr

14

FUV, EUV, X-rays

Rg =
GM*

c2
s

A. D. Sellek et al.: X-ray photoevaporation with PLUTO+PRIZMO
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Fig. 5: The gas density (left), gas temperature (centre) and ratio of gas and dust temperatures (right) after 200 orbits of the fidu-
cial simulation. The latter is defined as min(Tgas,PRIZMO,TDIAD)/Tdust,PRIZMO. The solid purple line is the sonic surface, while
the dashed lines show streamlines at regular intervals. The grey lines in the right-hand panel show total column densities of
N = 1021, 1023, 1025 cm�2.

5.1.2. Composition of the wind

The left-hand panel of Fig. 7 shows a composite colour image
representing the major H-carrying species where red represents
H+, green neutral H and blue H2. As one would expect, the un-
derlying disc is strongly molecular, while the innermost parts
of the wind can become highly ionised due to EUV photons.
What is perhaps more surprising is the amount of H2 present in
the outer parts of the wind. Figure 6 shows that its abundance
rapidly grows to around 10 per cent around ⇠ 17 au and then
steadily grows at the expense of neutral H until it becomes dom-
inant outside of 50 � 60 au. Indeed, there is more H2 than at
the end of the burn-in step, despite the lower density wind con-
ditions. This is a surprise since H2 can be photodissociated by
FUV & EUV photons (while we do not have an explicit signifi-
cant FUV component in our spectrum, there is still some contri-
bution from the photosphere)5. Moreover, our network includes
the following reactions resulting in the thermal dissociation of
H2 into atoms/ions:

H2 + H! 3H (5)
H2 + e� ! 2H + e� (6)
H2 + H2 ! 2H + H2 (7)

H2 + He+ ! H + H+ + He. (8)

Given the wind densities suggested by our simulations, the
wind will be optically thin to the photodissociating radiation.
By integrating the photodissociation cross-section across our in-
put spectrum, we find that the photodissociation rate per H2

molecule is kPD = 3.7 ⇥ 10�7 s�1 LFUV
1030 erg s�1

⇣
r

au

⌘�2
, corresponding

to an expected lifetime of around 25 years at 17 au or 2800 years
5 H2 can also be destroyed by X-ray photodissociation, but this is not
included in the current version of PRIZMO.

at the outer edge of the wind. However, the self-shielding of H2
can help protect it once it accumulates a column of & 1014 cm�2

(Draine & Bertoldi 1996; Richings et al. 2014). Given the ap-
proximate density of 105 cm�3 and a molecular fraction of 10�6,
inside the H-H2 transition, the column density can only be N ⇡
10�6⇥105 cm�3⇥10 au = 1013cm�2. Only once the wind reaches
a molecular fraction of 10�1 outside the H-H2 transition, can a
column density of N ⇡ 1014 cm�2 be reached in the space of
only 10�3 au. Hence, self-shielding can contribute to the steady
increase in H2 in the wind at 10s au, but not the initial onset.

Moreover, for thermal dissociation, given the abundances in
the inner disc and the 104 K temperatures involved, we expect
neutral hydrogen to be the most important destruction route.
This provides a thermal dissociation rate per H2 molecule of
kth = 5.2 ⇥ 10�11 cm3s�1nH; given the gas densities ⇠ 105 cm�3,
which will be dominated by neutral H, a thermal dissociation
rate of kth . 6⇥10�6 could be produced. This is a factor of a few
higher than the photodissociation rate, so should shift the transi-
tion even further outwards, and further means that self-shielding
would not protect the H2.

Since self-shielding cannot explain the onset of H2, non-
equilibrium chemistry must therefore play a role. We post-
process the simulation with prizmo for an additional ⇠ 6500
years with hydrodynamics switched o↵ (Fig. 8, left); we then ex-
pect that multiple photodissociation timescales will have elapsed
everywhere and the H2 fraction will have more or less reached
equilibrium. Comparing to the left-hand panel of Fig. 7, we can
see that the colours in the wind shift away from dark and light
blues towards light blues and greens - and the border between
atomic and molecular winds moves outwards - indeed demon-
strating an increase in neutral H as H2 is photodissociated and
confirming that the molecular abundances are out of equilibrium.

We now estimate the hydrodynamic timescale to show that
advection of H2 into the wind is responsible for its survival. Ma-
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Photo-evaporation

B

Driven by the accretion energy released by the 
disk 

Requires a large-scale B field [Ferreira & 
Pelletier 1993,1995] 

Typical ·Mwind ≃ 10−8M⊙ − 10−7M⊙/yr

MHD disk wind (MDW)

choose m=1. As did B17, we have verified that reasonable
variations of m do not affect the final quasi-steady state.

The boundary conditions deserve special attention in order to
avoid unphysical results. Since the standard outflow boundary
conditions could violate causality and make the system
unstable, we adopt boundary conditions similar to B17. Within
the ghost zones for the inner boundary, the density and velocity
are set according to the steady state solution used for the initial
conditions, while the gas temperature and relative abundances
of chemical species copy the values in the innermost radial
zone. The magnetic fields are extrapolated from the innermost
radial zone assuming µ -B rr

2, µf
-B r 1, and µqB r0. Inside

the simulation domain we also set a radial buffer zone,
Î [ ]r r r, 1.5in in , in which the MHD diffusivities are linearly

tapered to zero as the radius decreases to rin and the poloidal
velocity is damped at the local orbital timescale. This buffer
zone helps stabilize our simulations near the inner radial
boundary. On the outer radial boundary, outflow boundary
conditions (with inflow inhibitor) are applied to the fluid
variables, while the scheme for magnetic fields is the same as at
the inner radial boundary. The latitudinal boundaries are
reflective: = = ¶ =f q qB B B 0r at θ=π/2.

3.4. Simulation Run

To relax hydrodynamic and thermochemical transients, we
run the simulation for 2000 yr, from = -t 2000 yr to t=0,
with hydrodynamics, radiation, and thermochemistry, but
without MHD. Instantaneously, at t=0, non-ideal MHD is
turned on, and an external poloidal magnetic field described by
Equation (30) is applied to the system. After that, this model is
evolved to =t 2000 yr, by which time it has usually reached a
quasi-steady state, except in unstable cases such as Model7
(discussed later).

4. Fiducial Model Results

Figure 1 exhibits meridional plots of the fiducial model
(Model 0) averaged over the final 50 yr of the simulation, when
the model has already reached quasi-steady state: á ñṀwind 50 (the
running 50 yr average of wind mass-loss rate) exhibits less than
∼5% rms variation during the last 10 yr3 . Black solid curves in
the top and bottom row are streamlines, integral curves of the
poloidal vector field rvp spaced by constant wind mass-loss rate

- -
M10 yr9 1. White solid curves in the bottom row are

magnetic field lines spaced by constant poloidal magnetic flux

Figure 1. Meridional plots for the fiducial model (Model 0; Section 3), showing the innermost 50 au averaged over the final 50 yr. Top row: basic hydrodynamic
profiles. Left panel: mass density in units of - -10 g cm ;24 3 middle panel: temperature in Kelvin; right panel: poloidal velocity in units of -km s 1. Bottom row: MHD-
related profiles. Left panel: plasma β; middle panel: toroidal magnetic field in units of Gauss; right panel: ambipolar Elsässer number Am (Equation (12)). Black
curves, upper panels: poloidal streamlines separated by - -

M10 yr9 1. White solid curves, lower panels: poloidal magnetic field lines. White dashed curves: poloidal
Alfvénic surface. Magenta lines: wind bases (defined as the FUV front, Section 2.4.2).
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A little experiment
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Internals of magnetic breaking

16



Back to the accretion problem

17

accretion

⇢vr
@

@R
⌦R2 +

1

R

@

@R
R2

h
⇢v�vr �

B�Br

4⇡

i
+R

"
⇢v�vz �

B�Bz

4⇡

#+h

z=�h

= 0

@⌃

@t
+

1

R

@

@R
R⇢vr +

h
⇢vz

i+h

z=�h
= 0

   « mass loss parameter »≡ ζΩKΣ

   « viscous alpha 
parameter »

≡ αP
    

« magnetic lever arm »
≡ ζ(λ − 1)ΣRΩ2

A wind introduces 2 new parameters:  and ζ λ



Two « flavours » of MHD wind

18

~1AU (800K)

[Jacquemin-Ide + 2021]

MRI Active MRI Dead

[Riols+ 2020]

λ ≃ 5 λ ≃ 1.5



A sample of MHD disc winds

19
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Fig. 2. Flow topology in the fiducial run (ambipolar diffusion only ΛA = 1). Top row: poloidal streamlines (white) and log of the sonic Mach
number. Bottom row: poloidal field and log of density, normalised so that the midplane density at R = 1 is unity. Note that the colour scales are
identical between the columns. From left to right the disc magnetisation increases: β = 105 ; 103 ; 35. The green lines denotes critical lines of the
flow: Alfv’enic (plain) and fast magnetosonic (dot-dashed). The green dashed line represents the disc "surface" where the flow becomes ideal,
arbitrarily located at z = 3.5h for all of the solutions.

3.2. Flow topology

The 2D topology of the flow can be deduced from the 1D "shell"
solutions of the simulation by reconstructing the 2D fields using
the self-similar scalings (5). Using this procedure, I compute the
flow topology for the two extreme cases (β = 105 and β = 35)
and an intermediate case (β = 103) shown in Fig. 2. In this fidu-
cial simulation, the flow is symmetric with respect to the disc
midplane, as seen here. The strongly magnetised solution pro-
duces a super-sonic accretion flow, while the weaker magnetized
case tend to produce subsonic accretion (vp/cs < 0.1). In the
weak field case, the field lines are almost straight, indicating the
the decoupling between the field and the flow is efficient, thanks
to ambipolar diffusion. As the field gets stronger case however,
the field lines are clearly pinched around the midplane. This in-
dicates a strong field dragging by the accretion flow.

The wind is in all cases super fast-magnetosonic. The fast
surface is closer to the disc surface when the magnetisation gets
larger, while the Alfvén surface tends to stay at the same alti-

tude (around 4.5h). Generally speaking, stronger magnetisation
leads to faster and more massive winds (for an identical disc).
Interestingly, while the shape of the stream and field lines differ
significantly in the disc, their aspect is very similar in the wind
region starting above the disc surface. Note that in all of these
cases, the flow show signs of collimation towards the axis.

3.3. Transport properties

The transport properties defined in section 2.5 can be evaluated
as a function of the magnetisation for the fiducial run. This gives
the dependencies shown in Fig. 3. The resulting transport co-
efficients are remarkably close to power laws of β (except for
vB which shows a shallower dependence on β than a power law).
Several important trends can be already deduced from this result.

First, it should be pointed out that since the solutions are all
steady-state and laminar, the α measured here is a pure laminar
stress. It is not due to any form of turbulence, as it is just the re-
sult of the large scale wind which transports angular momentum

Article number, page 4 of 12

[Lesur 2021] 

increasing field strength

Streamlines & sonic 
mach number

Fieldlines & gas 
density



Relating accretion, ejection and field strength

20

Scaling laws from self-similar 
simulations [Lesur 2021] 

https://github.com/glesur/PPDwind
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Fig. 3. Transport coefficient as a function of the disc magnetisation for the fiducial run (ambipolar diffusion only ΛA0 = 1). Each blue dot is a
steady state solution obtained by continuation in the simulation. Because the flow is symmetric with respect to the midplane, only values computed
from the disc top surface (ζ+ and υ+) are shown. The best fits using power laws are shown in plain orange line.

is the dominant control parameter in these solutions. More quan-
titatively, I find accretion rates compatible with expected ones
from observations (∼ 10−8—10−7 M⊙/yr) when β ∈ [103, 105]
or Bz ∼ a few mG. A word of caution though: accretion rates are
typically inferred from the material which falls onto the central
star, while here the mass accretion rate is computed in the disc
at 10 AU. If the wind extract a lot material between the star and
10 AU, the accretion rates have no reason to match.

A common way to quantify what fraction of the accreted
mass is ejected is through the ejection efficiency parameter ξ de-

fined as

ξ ≡
2πR2

'
ρvz

(z0

−z0

Ṁacc
=

d log Ṁacc

d log R
in steady state

where the last equality results from the continuity equation as-
suming ∂tΣ = 0. It is easy the show that the ejection efficiency is
directly connected to the transport coefficients:

ξ =
ζ+ + ζ−

2ε(υ+ + υ−)
= 0.4 β0.09

where the first equality assumes ṁR is negligible while the sec-
ond uses the scaling found in the fiducial run (Fig. 3). This im-
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Ṁacc = 1.6⇥ 10�8

 
⌃0R

�1/2
10 a.u

10 g.cm�2

!0.22✓
M

M�

◆�0.28

⇣ "

0.1

⌘�0.78
 
Bz0R

�5/4
10 a.u

1mG

!1.56

M�/yr

<latexit sha1_base64="RUG2y+/NDhUjKxPjpNQe4q5ti2M="></latexit>

https://github.com/glesur/PPDwind


Impact on disc evolution

21

In MHD disk winds, the angular momentum is « extracted » vertically, so there 
is no radial expansion Secular evolution of MHD wind-driven discs 2297 

MNRAS 512, 2290–2309 (2022) 

Figure 6. Examples of the evolution of the surface density for the analytical solutions presented in this work. The first three left-hand panels are for constant α
solutions (see Section 3.3 ) in the case of viscous ( ψ = 0), hybrid ( ψ = 1), and pure wind-driven ( ψ = ∞ ) accretion. The rightmost panel is for a # c -dependent 
wind torque solution (see Section 3.4 ) with ω = 0.25. At initial time, the discs share the same initial characteristic radius of r c (0) = 50 au and disc mass 
of M D = 10 −2 M ⊙. The time evolution of the surface density is controlled by the initial accretion time-scale t acc, 0 (see definition in equation 29 ). Each line 
corresponds to a different age ranging from t = 0 to 8 t acc, 0 with steps of 2 t acc, 0 (from dark blue to green). In the # c -dependent wind torque solution (rightmost 
panel), the disc is dispersed at t = 8 t acc, 0 . The characteristic radius r c ( t ), outlined by dots, is constant in the pure wind cases, whereas it increases in the viscous 
cases. The power-law index in the inner tens of au is flatter in the wind cases due to the mass-loss accompanying the accretion flow (see equation 15 ). 

Figure 7. Time evolution of the disc mass for the hybrid solutions, depending 
on the relative contribution of the vertical to the radial torque quantified by 
ψ . In all cases λ = 3 so that ξ varies between 0 and 0.25. The value of the 
viscous accretion time-scale t ν, 0 = (1 + ψ) t acc, 0 is indicated with a circle 
along each curve. 
3.3.3 Disc mass 
The evolution of the disc mass depends also critically on the driving 
accretion process. The evolution of the disc mass obtained from 
equation ( 28 ) and ( 35 ) is 
M D ( t) = M 0 (1 + t 

(1 + ψ) t acc , 0 
)− 1 

2 ( ψ+ 2 ξ+ 1) 
, (37) 

and shown in Fig. 7 . In the viscous case ( ψ = 0), the disc mass 
decreases slowly with time with the classical scaling M D ( t) ∝ 1 / √ 

t 
for t ≫ t ν, 0 . This is ultimately due to the viscous spreading of the 
disc. As the gas in the bulk part of the disc is advected at constant 
velocity, the instantaneous viscous time-scale (i.e. the time required 
to advect the gas located at r c ( t )/2 to the inner disc) increases as 
t ν, 0 ( t ) ∝ t due to the increase in r c ( t ). This prevents the disc from 
rapidly draining all its material onto the star. 

In the fiducial wind-driven case, the disc mass drops by more than 
two orders of magnitudes after t = 10 t acc, 0 (see Fig. 7 ). Quantitatively, 
a Taylor expansion of equation ( 37 ) in the case ψ → +∞ shows that 

the evolution of the disc mass follows an exponential decay with 
M D ( t) = M 0 e − t 

2 t acc , 0 . (38) 
This behaviour, which contrasts with the viscous case, is due to the 
absence of disc spreading. Since the outer radius remains constant, 
the bulk part of the disc located initially within r ! r c (0) is drained 
after t ≃ 2 t acc, 0 . The evolution of the disc mass does not depend 
on the fraction of mass lost in the wind quantified by f M . Therefore 
neither the value of λ nor r c / r in impacts the evolution of the disc mass 
(see equation ( 31 )). 

In the hybrid case (see Fig. 7 ), the evolution of the disc mass is 
bracketed between that of the exponentially decaying pure wind case 
( ψ = ∞ ) and that of the slowly evolving pure viscous case ( ψ = 0), 
and appears to be sensitive to the value of ψ . For t ≫ t ν, 0 = (1 + 
ψ) t acc, 0 , the disc mass exhibits a power-law dependence on time 
M D ( t) ≃ M 0 ( t 

t ν, 0 
)− 1 

2 ( ψ+ 2 ξ+ 1) 
(39) 

as in the viscous case, but with a power-law index that is increased by 
1 
2 ( ψ + 2 ξ ). This is a typical hybrid behaviour: the viscous spreading 
prevents the rapid draining of the disc, but the wind accretion ensures 
a steeper decrease in the disc mass with time due to its ability to 
sustain high accretion rate. 

Interestingly, in the more general case for which c 2 S ̃  α ∝ r γ−3 / 2 , the 
disc mass scales as (1 + t / t ν, 0 ) −(1 + 2 ξ + ψ)/(2(2 − γ )) (see Appendix C ). 
Therefore, there is a de generac y in the slope of the disc mass, between 
γ and ψ . For example, a pure viscous case with a radial gradient of 
αSS ∝ r −1 + γ and a hybrid case with constant α-parameters have the 
same slope for 
ψ = γ − 1 

2 − γ
, (40) 

where we assumed ξ ≪ 1 and a same power-law index of the 
temperature. 
3.3.4 Accretion rate 
In the presence of a wind, the accretion rate is the time deri v ati ve of 
the disc mass reduced by the fraction mass that is ef fecti vely accreted 
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Figure 6. Examples of the evolution of the surface density for the analytical solutions presented in this work. The first three left-hand panels are for constant α
solutions (see Section 3.3 ) in the case of viscous ( ψ = 0), hybrid ( ψ = 1), and pure wind-driven ( ψ = ∞ ) accretion. The rightmost panel is for a # c -dependent 
wind torque solution (see Section 3.4 ) with ω = 0.25. At initial time, the discs share the same initial characteristic radius of r c (0) = 50 au and disc mass 
of M D = 10 −2 M ⊙. The time evolution of the surface density is controlled by the initial accretion time-scale t acc, 0 (see definition in equation 29 ). Each line 
corresponds to a different age ranging from t = 0 to 8 t acc, 0 with steps of 2 t acc, 0 (from dark blue to green). In the # c -dependent wind torque solution (rightmost 
panel), the disc is dispersed at t = 8 t acc, 0 . The characteristic radius r c ( t ), outlined by dots, is constant in the pure wind cases, whereas it increases in the viscous 
cases. The power-law index in the inner tens of au is flatter in the wind cases due to the mass-loss accompanying the accretion flow (see equation 15 ). 

Figure 7. Time evolution of the disc mass for the hybrid solutions, depending 
on the relative contribution of the vertical to the radial torque quantified by 
ψ . In all cases λ = 3 so that ξ varies between 0 and 0.25. The value of the 
viscous accretion time-scale t ν, 0 = (1 + ψ) t acc, 0 is indicated with a circle 
along each curve. 
3.3.3 Disc mass 
The evolution of the disc mass depends also critically on the driving 
accretion process. The evolution of the disc mass obtained from 
equation ( 28 ) and ( 35 ) is 
M D ( t) = M 0 (1 + t 

(1 + ψ) t acc , 0 
)− 1 

2 ( ψ+ 2 ξ+ 1) 
, (37) 

and shown in Fig. 7 . In the viscous case ( ψ = 0), the disc mass 
decreases slowly with time with the classical scaling M D ( t) ∝ 1 / √ 

t 
for t ≫ t ν, 0 . This is ultimately due to the viscous spreading of the 
disc. As the gas in the bulk part of the disc is advected at constant 
velocity, the instantaneous viscous time-scale (i.e. the time required 
to advect the gas located at r c ( t )/2 to the inner disc) increases as 
t ν, 0 ( t ) ∝ t due to the increase in r c ( t ). This prevents the disc from 
rapidly draining all its material onto the star. 

In the fiducial wind-driven case, the disc mass drops by more than 
two orders of magnitudes after t = 10 t acc, 0 (see Fig. 7 ). Quantitatively, 
a Taylor expansion of equation ( 37 ) in the case ψ → +∞ shows that 

the evolution of the disc mass follows an exponential decay with 
M D ( t) = M 0 e − t 

2 t acc , 0 . (38) 
This behaviour, which contrasts with the viscous case, is due to the 
absence of disc spreading. Since the outer radius remains constant, 
the bulk part of the disc located initially within r ! r c (0) is drained 
after t ≃ 2 t acc, 0 . The evolution of the disc mass does not depend 
on the fraction of mass lost in the wind quantified by f M . Therefore 
neither the value of λ nor r c / r in impacts the evolution of the disc mass 
(see equation ( 31 )). 

In the hybrid case (see Fig. 7 ), the evolution of the disc mass is 
bracketed between that of the exponentially decaying pure wind case 
( ψ = ∞ ) and that of the slowly evolving pure viscous case ( ψ = 0), 
and appears to be sensitive to the value of ψ . For t ≫ t ν, 0 = (1 + 
ψ) t acc, 0 , the disc mass exhibits a power-law dependence on time 
M D ( t) ≃ M 0 ( t 

t ν, 0 
)− 1 

2 ( ψ+ 2 ξ+ 1) 
(39) 

as in the viscous case, but with a power-law index that is increased by 
1 
2 ( ψ + 2 ξ ). This is a typical hybrid behaviour: the viscous spreading 
prevents the rapid draining of the disc, but the wind accretion ensures 
a steeper decrease in the disc mass with time due to its ability to 
sustain high accretion rate. 

Interestingly, in the more general case for which c 2 S ̃  α ∝ r γ−3 / 2 , the 
disc mass scales as (1 + t / t ν, 0 ) −(1 + 2 ξ + ψ)/(2(2 − γ )) (see Appendix C ). 
Therefore, there is a de generac y in the slope of the disc mass, between 
γ and ψ . For example, a pure viscous case with a radial gradient of 
αSS ∝ r −1 + γ and a hybrid case with constant α-parameters have the 
same slope for 
ψ = γ − 1 

2 − γ
, (40) 

where we assumed ξ ≪ 1 and a same power-law index of the 
temperature. 
3.3.4 Accretion rate 
In the presence of a wind, the accretion rate is the time deri v ati ve of 
the disc mass reduced by the fraction mass that is ef fecti vely accreted 
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… or maybe there is (Yang & Bai 2021)
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A. Riols and G. Lesur: Ring formation and dust dynamics in PP discs
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Fig. 1. Right: average gas density and streamlines in the poloidal plane. Left: average toroidal field and poloidal field lines. All quantities are
averaged between t = 250T0 and t = 1000T0.

Fig. 2. Top: vertical profiles of the radial and vertical velocity; bottom:
vertical profiles of the radial and toroidal magnetic fields. Quantities
are averaged between R = 25AU and R = 50AU and in time between
t = 250T0 and t = 1000T0.

Fig. 3. Time evolution of the radial (blue) and vertical (orange) torques,
averaged radially and vertically, appearing in the right hand side of the
angular momentum equation (Eq. 29)
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gas
dust grains

[Riols & Lesur 2019, 
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Observed dust settling is compatible with a wind-driven accretion disc

A. Riols and G. Lesur: Dust dynamics in outer regions of protoplanetary discs
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St=0.01, non-ideal simulation b = 103

St=0.01, ideal MRI simulation (Fromang et al. 2006)
ALMA constraints by Pinte et al. 2016 (0.87-2.9 mm)

Fig. 18. Vertical density profile of the millimetre dust simulated at 30
AU (St ' 0.025) and comparison with ALMA observations. The red
profile corresponds to our simulation with � = 103 and ambipolar dif-
fusion (Am = 1). The purple profile is that obtained in the ideal (zero
net flux) MRI simulation of Fromang et al. (2006) for the same Stokes
number. The orange area corresponds to the range of profiles compati-
ble with the 0.87-2.9 mm dust continuum emission measured by ALMA
(Pinte et al. 2016). To help the comparison, the density profiles are all
normalized with ⇢0 = 1; the gas profile is represented by a blue line. The
x-axis unit is in AU, the conversion is about 1H ' 2.5 AU at R = 30
AU.

200 for � = 103. Hence, the gas transport is always much larger
than the vertical dust transport. This in contrast with ideal MRI
turbulence simulations (either zero or non-zero net vertical flux)
for which typical Schmidt number is never larger than 10 (Jo-
hansen et al. 2006; Fromang et al. 2006). We can interpret this
result as a consequence of enhanced Maxwell to Reynolds stress
ratio at large Bz (see Section 3.1). In fact, in non-ideal MHD
flows, angular momentum is mainly extracted through coronal
winds and laminar Mawell stress, while dust is more sensitive to
turbulent gas motions. Note that the large S c found in our sim-
ulations, as well as the the small Hd/H and ⌧corr⌦ ' 0.5, seem
incompatible with the recent non-ideal MHD simulations of Zhu
et al. (2015) with ambipolar di↵usion. Indeed in their case, they
found S c . 1 and di↵usion coe�cients 10 to 20 times larger than
ours. The main di↵erence between their simulations and ours is
the vertical and radial box size (they used Lx = 4H, Lz = 6H.
while we use a larger domain with Lx = 8H, Lz = 12H). We ran
few simulations by varying both Lx and Lz and found that the
discrepancy is mainly due to the vertical extent Lz. The reason is
that the wind properties, in particular its strength and mass loss
rate, depend strongly on the the vertical extent of the box (Fro-
mang et al. 2013). We checked that for a box of size Lz = 6H,
the vertical r.m.s turbulent fluctuations are stronger by a factor
almost 2 and the wind by a factor 3-4, compared to the case
Lz = 12H. This leads to a much higher di↵usion coe�cient and
a ratio Hd/H three time larger. We emphasize that the conver-
gence of the outflow properties with Lz is probably not reached
even for Lz = 12H. The ratio Hd/H may therefore be slightly
over-estimated by our simulations. To avoid such bias, it is nec-
essary to model the wind in a global way and characterize the
dust settling in global simulations, which will be the object of a
future paper.

6.2. Vertical settling and comparison with ALMA

observations

We compare here the dust scaleheight Hd measured in our
simulations with that inferred from observations. We discuss
also about the limitations of such comparison. Most of the
constraints available today on Hd come from the sub-millimetre
ALMA observations of T-Tauri discs like HL-Tau (Pinte et al.
2016). These constraints, based on the measure of the rings
contrast, suggest that sub-millimetre particles are contained in
a geometrically thin disc with scale height between 0.7 and 2
AU at 100 AU. If we assume that the ratio Hd/H does not vary
strongly with R and consider disc aspect ratio H/R ' 0.1 at
R = 100AU (suggested by Pinte et al. 2016, for HL Tau), we
find Hd/H ' 0.07 � 0.2.

Using either the MMSN model or current estimation
of disc surface density profiles, it is possible to show that
sub-millimetre dust particles measured by ALMA lies into
the range St = 0.005 � 0.01 at 30 AU (see Section 2.3). To
obtain this range, we have considered that most of the emission
in the band 6-7 of ALMA (with wavelength � ' 1 mm) is
due to particles of size a ' �/(2⇡) ' 160 µm (Kataoka et al.
2017). For such St, our simulations with ambipolar di↵usion
indicate that the dust is contained within Hd ' 0.11 � 0.19H,
depending on the magnetization of the disc. This scaleheight is
then compatible with observation. To facilitate the comparison,
we superimpose in Fig. 18 the normalized density profile in
z obtained numerically at � = 103 , St = 0.01 (red line) and
a surface (in orange) covering the range of Gaussian profiles
estimated by the observations of Pinte et al. (2016). Note that
the profiles obtained for smaller � lies only marginally within
the error bar. We stress that the scaleheights considered here are
4 to 10 times smaller than those found in ideal MRI simulations
(Fromang & Papaloizou 2006). In particular, the typical vertical
di↵usion coe�cient in this case (' 5.5 ⇥ 10�3) is 20 times
larger than those obtained in our simulations with ambipolar
di↵usion. All these results are indications that the dynamics
of discs like HL-Tau, in regions beyond 1 AU, is strongly af-
fected by non-ideal MHD processes such as ambipolar di↵usion.

There are however many caveats associated with such
comparison. First the uncertainties on the gas surface density in
the outer regions can be more important than those estimated.
The current MMSN models and the observations can di↵er by
one order of magnitude at most. We have also assumed that the
dust to gas scaleheight ratio Hd/H does not vary with radius,
which is a crude approximation. In reality, it may encounter
large variations between 30 AU and 100 AU, either due to radial
variation of turbulence strength or local change in the gas to
dust ratio (Pinte et al. 2016). The estimation of Hd from the
rings contrast is also largely arguable, since it depends on the
dust opacities and radiative transfer used in the synthesized
model of the disc. High resolution imaging of edge-on discs is
probably a better and promising avenue to measure directly the
dust scaleheight. Finally, although disc emission at � = 1mm
peaks around a ' 150 µm, there is a wide range of particles size
from 50 µm to 500 µm that also contributes, to a lesser extent, to
such emission. Since particles are not distributed uniformly in
size in real discs, there is potentially a bias in our estimation of
the Stokes number at 30 AU. This last issue however should not
change drastically the conclusions of the present work.
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Fig. 9. Dust density distribution for grains of size 100 µm (left) and 3 mm (right). This is averaged in time between 400 and 650 inner orbits

Fig. 10. Dust to gas scale height ratio as a function of the e↵ective Stokes number for � = 105 (left), � = 104 (center) and � = 103 (right).
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Dust grain entrainment

Maximum entrained dust size ~a few m 

Mostly in the inner regions (dust settling 
outside) 

Appears as a faint conical emission in 
synthetic observations
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P. J. Rodenkirch and C. P. Dullemond: Dust entrainment in disk winds

Fig. 5. Cumulative mass loss rates of gas and dust for the simulation runs phc2, b5c2, b4c2 and b4c2a3 starting from 3 au. The cylindrical radius
or foot point of the loss is obtained by tracing backwards the corresponding streamline from the outer radial boundary down to 5 scale heights
above the disk mid plane. The flow field is averaged over 50 orbits at 1 au starting at 600 orbits. The vertical dashed lines mark the limit of the
region where 99 % of the mass loss occurred.

shape of the inner rim is thus not relevant for the wind flow.
We observe accretion of gas through the inner cavity when
a magnetic field is present. This e↵ect, which can be best
observed in the right panel of Fig. 1, is more pronounced for
larger magnetic field strengths and is caused by wind-driven
accretion.
The photoevaporation gas mass loss rates reach
⇡ 2.83 ⇥ 10�8 M� yr�1, in good agreement with Picogna et al.
(2019). The mass loss rates in the simulation runs b5c2 and
b4c2 are ⇡ 3.13 ⇥ 10�8 M� yr�1 and ⇡ 3.03 ⇥ 10�8 M� yr�1,
respectively. In the case of a purely magnetically driven
wind without any heating by ionizing radiation of model
b4c2np the wind mass loss rates are similar with a value of
3.19 ⇥ 10�8 M� yr�1. The mass loss rates were computed at 95
% of the outer radial simulation boundary. The region within
five gas scale heights of the disk was excluded from the mass
loss rate to avoid the corruption of the results from circulation
within the disk.

3.3. Dust flow structure

In Fig. 3 the dust flows are shown for the grain sizes 0.1 µm,
1 µm and 10 µm. Generally, 10 µm sized grains are hardly en-
trained with the wind flow since the drag force is too weak to
counter act the gravitational pull. 0.1 µm grains are well coupled
to the gas flow and can be considered as tracers of the wind.
Throughout the analysis we refer to the flow angle or inclination
angle, meaning the angle enclosed between the dust flow direc-
tion and this disk mid plane axis at z = 0. The inclinations ✓d of
the dust flows are smaller in terms of latitude for the thermally
driven wind shown on the left-hand side compared to the mag-
netically driven wind on the right-hand side. The magnetic field
is well coupled to the gas in the wind region where the ioniza-
tion fraction xe,i surpasses 10�4 and the field topology forces the
wind flow to be more inclined compared to the thermally driven
wind.
The same phenomenon also appears for 1 µm grains shown in the
second row of Fig. 3. Due to the weaker coupling and the lack of
pressure support the dust flow is less inclined with respect to the
gaseous wind compared to smaller grains. The dust flow exhibits
wave-like patterns in the case of � = 105 and becomes more
stable for larger magnetic field strengths. These wave structures
coincide with the irregular magnetic field patterns displayed in
Fig. 1. We furthermore point out that the dust flow consisting of
1 µm grains is e�ciently launched in the inner part of the disk,
whereas beyond several au the wind significantly weakens. The

dusty wind cannot be sustained in the lower density regions fur-
ther out and up in the disk since the Stokes number significantly
increases.
An example of a dust flow in a cold magnetically driven wind is
given in Fig. 4 for an initial � = 104. The inclination with respect
to the mid plane is smaller compared to the warm magnetother-
mal or photoevaporative winds. Grains with a size of 1 µm are
entrained at a rather shallow inclination angle and similar to the
warm winds, dust entrainment is negligible considering 10 µm
dust particles. While material in the winds including photoevap-
oration is ejected with a velocity of ⇡ 15 km s�1 the outflow ve-
locity of the cold magnetic wind in b4c2np only reaches val-
ues of ⇡ 5 km s�1. The decreased wind speed causes a smaller
drag force between gas and thus lowers the dust entrainment ef-
ficiency. Given that the mass loss rate is approximately equal to
the one of the heated winds, the gas and dust densities in the
wind region are significantly higher.
In Fig. 5 the cumulative mass loss rate depending on the cylin-
drical radius of the foot point of the wind is shown. The wind
streamlines were traced backwards from the cells close to the
outer radial boundary and the foot point was registered when the
streamlines crosses the surface at 5 gas pressure scale heights.
Only streamlines with foot point rf � 3 au were considered since
the wind flow structure and the limited resolution did not in ev-
ery case ensure a successful construction of traceable stream-
lines close to the inner cavity. The mass loss rates were obtained
from a velocity and density field averaged over 50 orbits at 1 au
starting from 600 orbits.
Warm magnetic winds lead to more dust entrainment and a
stronger magnetic field increases the dust mass loss rate signif-
icantly. The dashed lines in Fig. 5 mark the radius within from
within 99 % of the mass loss occurs, which illustrate less e�-
cient dust entrainment for larger grains further out in the disk.
Numerical values are 32.3 au, 34.5 au, 43 au and 88.8 au for the
simulations phc2, b5c2, b4c2, b4c2a3 and 0.1 µm grains, re-
spectively. Analogously, the limits for 1 µm grains are 14.6 au,
12.7 au, 14.6 au and 44.3 au. The general trend is that the dust
grains are preferably entrained starting from the inner regions
of the disk. The limiting radius decreases with increasing dust
size and hence we expect a much larger ejection region of dust
for the smallest grain size. Considering the results of the simu-
lation b4c2a3 with an increased viscosity of one order of mag-
nitude (↵ = 10�3) the limiting radius lies significantly further
outward. Increased turbulent di↵usion e↵ectively transports dust
grains towards the wind launching front at larger radii.
Going back to Fig. 2 the mass loss rate for the two relevant dust
species stabilizes over a few hundred orbits in the case of a ther-
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photo-
evaporation

MHD β = 105

MHD β = 104

MHD  cold 
β = 104

[Rodenkirch & Dullemond 2022]

A&A proofs: manuscript no. main

Fig. 13. Radiative transfer images in the H-Band (� = 1.6 µm) of simulation runs with photoevaporation (left most column), � = 105 (center left

column), � = 104 (center right column) and a cold magnetic wind with � = 104 (right most column). The upper panels are based on dust grains
with a = 0.1 µm whereas the lower panels demonstrate synthetic images with a = 1 µm. The object is modeled at a distance of 150 pc with a solar
type star at an inclination of 20°.

Fig. 14. Radiative transfer images in the H-Band (� = 1.6 µm) of the same simulation runs as in Fig. 13 but with an edge-on view at an inclination
of 0°.

best to our cold magnetically driven wind model b4c2np. Our
results corroborate their findings of a maximum entrainable dust
size in the submicron regime in a cold wind around a typical T
Tauri star. Our models including photoevaporation furthermore
agree with Hutchison et al. (2016a) where the maximum grain
size was determined to be < 10 µm depending on the disk radius
for a typical T Tauri star. They additionally argue that dust set-

tling most certainly limits this maximum size further which we
confirm in our models, where the diminishing dust entrainment
e�ciency can be attributed to the dust settling towards the mid
plane.
In recent scattered light observations of RY Tau (Garufi et al.,
2019) a broad dusty outflow obstructing the underlying disk
was detected. Both lobes are inclined by roughly 45°. The pres-
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Gas density & magnetic field lines 
Ambipolar-only disc (R>10 AU)

The Idefix 
code 

[Lesur+2023]
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See also Cui & Bai 2021
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W. Béthune et al.: Global simulations of protoplanetary disks with net magnetic flux. I.

Fig. 24. Vertical profiles in run R1-P2, averaged in time between 120T0
and 130T0, and in spherical radius between 5.5r0 and 6r0; upper panel:
sonic Mach number for the radial Alfvén velocity (solid blue) and elec-
tron minus ion velocity, normalized by the Keplerian velocity (dashed
red); lower panel: induction of radial magnetic field.

4.6.1. Overview

We illustrate in Fig. 25 the morphology of the flow in run R1-P2.
We see a series of density bumps in the disk, radially separated
by approximately the local disk thickness 2H. The magnetic flux
is concentrated in low density regions, and this foliation is main-
tained in both coronae. Some magnetic flux accumulations can
momentarily be as narrow as eight grid cells in the disk. How-
ever, with a magnetic Reynolds number RA ⇡ 3, we believe that
this width is primarily attributed to physical di↵usivity and not
numerical di↵usion. This run also displays an even B' symme-
try, causing the tilting of magnetic field lines through the disk.
As in run R1-M3 (cf. Fig. 21), ejection is thermally driven in the
northern corona, and magnetically enhanced in the southern one.

Density and magnetic field fluctuations are anti-correlated.
Table 3 shows that runs with Bz < 0 or � > 5⇥103 do not exhibit
such structures. These are the runs in which the disk midplane is
Hall-shear stable, or has linear growth rates smaller than 0.01⌦.
Because our 3D simulations were integrated over shorter time
intervals, the indicated number of zonal flows cannot directly be
compared between equivalent 2D and 3D runs.

4.6.2. Self-organization mechanism

The induction of Bz is governed by the toroidal electromotive
force (EMF), the same as in Eq. (21):
*
@Bz

@t

+

',z
= �

1
r
@

@r

D
r (EI + EO + EH + EA)'

E
',z
, (23)

so the average Bz increases in time where E' decreases with ra-
dius. The ideal, Hall and ambipolar EMFs can be expressed as:

EI ⌘ �u ⇥ B, EH ⌘ `H J ⇥ B, EA ⌘ ⌘A J?, (24)

J? ⌘ J �
 

J · B
B · B

!
B. (25)

Fig. 25. Averaged flow poloidal map for run R1-P2 (from 1 au to 10 au,
with strong Bz > 0), from 500T0 to 700T0; magnetic field lines are
sampled along the midplane, and the velocity field is indicated with
green arrows over the background density field. Magnetic field lines are
accumulated in low density rings.

The first panel of Fig. 26 shows the anti-correlated fluctua-
tions of density and magnetic field. In the second panel, we
plot the averaged EMFs. The ohmic contribution has been omit-
ted for it is negligible and cannot confine magnetic flux. The
ideal term EI' increases with radius at the location of each mag-
netic field concentration. The velocity field thus acts as a turbu-
lent di↵usion. The ambipolar term precisely balances the ideal
one, so it decreases with radius at the location of each band.
This was already noted by Bai & Stone (2014; see their Fig. 8).
Ambipolar di↵usion is therefore responsible for the accumu-
lation of Bz. Apart from being negligible by a factor 50, the
Hall term acts against the accumulation of magnetic flux. Hall-
driven self-organization requires the magnetic stress and flux
to be anti-correlated (Kunz & Lesur 2013). This is possible in
non-stratified simulations, when the net magnetic flux becomes
strong enough to stabilize the HSI. In stratified simulations, the
wind-driven stress �B'Bp is known to correlate with the net
magnetic flux for � � 1 (Lesur et al. 2014). Self-organization
can thus be inhibited if the wind drives the magnetic stress in
Hall-shear stable (i.e., strong field) regions.

The direction of the ambipolar EMF is given by the elec-
tric current projected perpendicularly to the local magnetic field.
Upon projection, the sign of the toroidal component J?' can be-
come opposed to the sign of J'. This is what happens in our
simulations featuring zonal flows, as shown in the bottom panel
of Fig. 26. In this case, the toroidal component of EA yields a
negative e↵ective resistivity (cf. Eq. (24)).

A75, page 17 of 24

[Béthune+2017]

1248 S. S. Suriano et al.

compared to its poloidal component. The now weaker poloidal field
strength can be seen clearly in the last panel from the lack of field
lines in the post-reconnection region.

3.3.3 Reconnection-driven ring and gap formation

The general picture for the reconnection-driven ring and gap for-
mation is as follows. A poloidal magnetic field line that initially
threads the disc rather smoothly is dragged by preferential accre-
tion near the mid-plane into a highly pinched radial configuration
(see the upper-right panel of Fig. 7 for an illustration). Recon-
nection of the highly pinched field line produces a poloidal mag-
netic loop next to a poloidal field line that still threads the disc
more smoothly (see the lower-left panel of Fig. 7). After reconnec-
tion, the material trapped on the magnetic loop is detached from
the original (pre-reconnection) poloidal field line, which results
in the separation of matter and (poloidal) magnetic flux. Specif-
ically, there is no net poloidal magnetic flux passing through the
matter on the loop, and there is less matter remaining on the origi-
nal poloidal field line (since some of the matter on the original field
line is now on the detached magnetic loop). The net effect is a redis-
tribution of the poloidal magnetic flux away from the loop-forming
region into an adjacent region where the poloidal flux accumulates.
Since mass accretion tends to be faster in regions with stronger
poloidal magnetic fields, it is not surprising that the reconnection-
induced variation of the poloidal field strength with radius would
lead to a spatial variation in the mass accretion rate that would in
turn lead to spatial variation in the mass (surface) density, i.e. the
formation of rings and gaps.3

The preferential concentration of poloidal field lines inside the
low-density gaps of the disc is illustrated pictorially in Fig. 8(a),
which is a snapshot of the inner part of the reference simulation
(up to 15 au) at a representative time when the simulation has
reached a quasi-steady state, t/t0 = 2500. The field concentration
is quantified in panel (b), which plots the vertical component of the
magnetic field (Bz, in red) at the mid-plane and surface density of
the disc (in black), both relative to their initial values at t = 0. Two
features stand out: (1) there is a strong anti-correlation between
the surface density and vertical field strength, as expected in the
reconnection-induced scenario of ring and gap formation, and (2)
the poloidal magnetic field is typically much weaker in the high-
density ring regions (where Bz is close to zero) than in the low-
density gap regions (where Bz is increased over its initial value by
a factor of 2–4). This drastic segregation of poloidal magnetic flux
relative to matter appears to be quite stable with time (persisting for
thousands of inner orbits), despite the fact that there is continued
mass accretion through both the rings and gaps.

For our reference run, we believe that the key to maintaining
the concentration of poloidal magnetic flux in the gap regions is
AD: it allows the bulk neutral material to accrete radially inwards
through the gaps without dragging the ions (and the magnetic field
lines tied to them) with it. This is illustrated in panel (c) of Fig. 8,
which plots the radial component of the ion (red line) and neutral
(black line) velocity at the mid-plane. As expected, the neutrals
accrete faster in the low-density gaps than in the high-density rings.
One may naively expect the same trend for the ions but, in the

3 The stronger poloidal field in a gap can also lead to a faster depletion of
the local disc material via a stronger magnetically driven wind (e.g. Casse &
Ferreira 2000). However, this effect is less important compared to the faster
accretion in the gap in general.

Figure 8. The density, magnetic field strength, and velocities plotted up to
r = 15 au at t/t0 = 2500. The panels show (a) the logarithm of the density
(g cm−3) in colour and the poloidal magnetic field lines (i.e. magnetic flux
contours) in black, (b) the surface density normalized to the initial radial
distribution, !i ∝ r−1/2, and the vertical magnetic field strength at the
mid-plane normalized to its initial distribution, Bz, i ∝ r−5/4, (c) the radial
velocity (km s−1) of neutrals (black) and ions (red) at the mid-plane, and
(d) the density-weighted vertical average of the radial velocity (km s−1)
of neutrals (black) and ions (red) over z = ±2h. (See the supplementary
material in the online journal for an animated version of this figure.)

presence of significant AD, this is not necessarily the case. Indeed,
at the time shown in Fig. 8, the ions are moving outwards in several
of the gaps, especially the two near r = 5 and 6.5 au. The ions
are forced to expand against the infalling neutrals by an outward
Lorentz force due to either a temporary poloidal flux concentration
near the inner edge of the gap [in a manner that is reminiscent of
the forced ion–neutral separation in the AD shock in magnetized
accretion on to low-mass protostars first described in Li & McKee
(1996)] or an outward magnetic pressure gradient from the toroidal
field component. In any case, the radially outward Lorentz force in
the gap appears strong enough to keep the ions (and the poloidal
field lines) in a state of dynamic equilibrium against the rapid infall
of neutrals, at least under the assumption of (2D) axisymmetry. The
dynamic equilibrium of the ions (and the field lines attached to
them) is shown more clearly in Fig. 8(d), which plots the vertically
averaged radial velocity weighted by density. The average ion speed
fluctuates around zero as the neutrals accrete inwards, especially in
the gap regions. Whether this remains true in full 3D simulations is
unclear and will be explored in future investigations.

The rings and gaps, once fully developed, remain remarkably
stable over time. This is illustrated in Fig. 9, where the surface
density (relative to its initial distribution) is plotted at each radius
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Fig. 7. Snapshot of the simulation for � = 103 at t = 350T0, zoomed in on the inner part of the disc. The colour map represents the density, while
the black lines are the poloidal streamlines. The dashed white lines delimit the z = ±3.5H surface.

Fig. 8. Top panel: divergence of the radial flow integrated vertically
between ✓ = ✓� and ✓ = ✓+ (z ' ±3.5H) as a function of radius R.
Bottom panel: mass loss rate �̇w as a function of radius R (computed at
z ' ±5H). Quantities are averaged in time between 400 and 650 orbits.
The dashed red lines are at the location of the density maxima.

terms, meaning radial transport by ur and ambipolar di↵usion.
Clearly, Fig. 9 shows that these two terms cancel each other out,
the first one tends to transport the flux inward ( 1

r
@
@r (rurB✓) > 0

to the left of the Bz maxima), while the ambipolar term seems to
di↵use the field outward ( 1

r
@
@r (r⌘AJ?) > 0 to the right of the Bz

maxima). Therefore, ambipolar di↵usion plays a key role in the
magnetic flux transport and seems to prevent the magnetic shells
associated with the ring structures from being accreted inwards.
We note that the mass is mainly accreted at the disc surface, so
the density-weighted radial velocity remains small. Hence, rings
are expected to be advected at the mass accretion speed, which is
much smaller than the gas velocity at the disc surface. Because
our models are integrated only for 1000 T0, this e↵ect cannot be
directly checked in the simulations.

Finally, we remind the reader that our simulations are
axisymmetric and are thus unable to capture non-axisymmetric
e↵ects such as the Rossby wave instability (RWI), which might

be important in the evolution of the pressure maxima. We of
course checked that minima of potential vorticity (r ⇥ v)z/⌃ are
located in the ring regions and could in principle excite the RWI
(Lovelace et al. 1999). Nevertheless, the axisymmetry and sta-
bility of the radial structures seems to be preserved in 3D non-
axisymmetric simulations (Béthune et al. 2017; Suriano et al.
2019). One possibility is that the RWI is stabilised by the tur-
bulent stress or by the strong toroidal field (Yu & Li 2009;
Gholipour & Nejad-Asghar 2015). Whether these stabilising
e↵ects are important or not in 3D simulations remains, however,
to be demonstrated.

5. Dust dynamics

5.1. Initialisation

We now explore the dust dynamics in the non-ideal windy MHD
flows presented in Sect. 4. We performed simulations for di↵er-
ent � and di↵erent grain sizes ranging from a = 100 µm up to
a = 1 cm. This corresponds to Stokes number St0 (at z = 0 and
R = 10 AU) from 0.001 to 0.1 (see Sect. 2.2.2 for the conver-
sion between sizes and Stokes numbers). In total, we ran four
di↵erent simulations: the two first at � = 105 and � = 104 both
contain 0.1, 0.3, 1, and 3 mm grains (respectively, St0 of 0.001,
0.003, 0.01 and 0.03). The third simulation is for � = 103 and
contains 0.1, 0.3, 3, and 10 mm grains (respectively, St0 of 0.001,
0.003, 0.03 and 0.1). The last simulation at � = 103 contains a
unique species of 1 mm in size (St0 = 0.01).

The initial conditions for the dust are similar for all � and
Stokes numbers. The dust velocity is initially Keplerian with
zero perturbation. The density at t = 0 is

⇢d(t = 0) = ⇢d0

 
R
R0

!�3/2

exp
"
4GM

c2
s

 
1p

R2 + z2
� 1

R

!#
, (29)

with the initial Hd/Hg = 0.5. ⇢d0 being fixed so that the ratio of
surface densities ⌃d/⌃ is 0.0025. In most of the simulations, we
simultaneously integrate four di↵erent species so that the total
dust-to-gas density ratio is 0.01. We note that for simplicity we
use the same initial mass distribution for each species, which is
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Figure 13. Radial profiles of mass accretion and mass loss from
all other simulations (excluding the fiducial run). Shown are the
contribution from individual terms based on the original decom-
position in Equation (21), as well as the mass loss rate. They are
the counterpart of the top panel of Figure 8. Dashed curves denote
negative accretion rates.

Figure 14. Left: snapshots of scaled meridional magnetic field
RBθ at t = 3000P0. Right: snapshots of scaled toroidal magnetic
field RBφ at t = 3000P0. Overlaid black curves are equally spaced
contours of poloidal magnetic flux.

MNRAS 000, 1–21 (2021)
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Ambipolar diffusion (valid for R>~5AU) 

Large scale magnetic field (fossil field?) 
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Fig. 12. Top panels: gas pressure as a function of radius R for � = 103 (left) and � = 104 (right). Central and bottom panels: dust surface density
for grains of 3 mm and 100 µm, respectively. Quantities are averaged vertically between ✓ = ✓� and ✓ = ✓+ (z± 3.5H) and in time between 400 and
650 inner orbits.

only possible if the drift velocity, proportional to St and the local
pressure gradient, is larger than the velocity associated with the
radial turbulent di↵usion. We then expect concentration of dust
into radial bands to be more e�cient for su�ciently large values
of the Stokes number. In Fig. 12, we show the radial profiles of
the gas pressure and dust surface density ⌃d, averaged in time, for
two di↵erent plasma beta parameters and two di↵erent grain sizes.
For � = 103, both large and small grains concentrate into pressure
maxima (with position delimited by the red dashed vertical lines).
However, 3 mm grains, the contrast in density, at some radii, can
be 200–500 times larger than the contrast measured for 0.1 mm
grains. Although the density contrast is pretty high for a = 3 mm,
the total dust-to-gas ratio remains bounded and smaller than 0.3
in most of the rings. We also note that the radial dust structures
are thinner in the case of larger particles. For � = 104, the results
are similar, except that the pressure maxima are less pronounced
and the dust is less concentrated on average. This is particu-
larly obvious for 0.1 mm grains, for which the contrast in density
never exceeds ten. Also, the typical separation between the dust
rings in the case � = 104 is about 2.5H at R ' 20 AU, while
it is about 4H for � = 103. By fitting the radial density profiles
with gaussian functions, we find that the half-width of the dust
rings at R = 20 AU is ⇠0.3�0.4 AU (0.3–0.4H) for � = 103 and
a = 3 mm, while it is ⇠ 0.15 AU for � = 104. For comparison,
the pressure bumps in the gas have a typical half-width of 1.2H.

We note that for � = 105, a few rings form, but they are much
fainter than in the case � = 104 or � = 103, and therefore we do
not see any clear radial structures in the dust. We cannot rule out
that more prominent structures could form if the simulation were
run for a longer time period.

6. Radiative transfer with MCFOST

The aim of this Section is to produce synthetic images derived
from our simulations in order to predict the observable properties
of ambipolar-dominated discs threaded by a net vertical field.
For that we use the 3D continuum and line radiative transfer code
MCFOST based on the Monte Carlo method (Pinte et al. 2006).

Assuming a given gas and dust density distribution, the code
first computes the temperature structure assuming that the dust
is in radiative equilibrium with the local radiation field. This is
done by propagating photon packets, originally emitted by the
central star (assumed to be of solar-type), through a combination
of scattering, absorption and re-emission events until they exit
the computation grid. During this step, we use 1 280 000 photon
packets in total. It is assumed that the dust opacities are fixed and
do not depend on the temperature during this stage. Observables’
quantities (images) are then obtained via a ray-tracing method,
which calculates the intensities by integrating the radiative trans-
fer equation along rays perpendicular to each pixel of the image.

The disc extends from an inner cylindrical radius Rin =
10 AU to an outer limit Rout = 200 AU, with a total gaseous
mass equal to 5 ⇥ 10�2 solar mass. Dust grains are defined as
homogeneous and spherical particles (Mie theory) with sizes
distributed according to the power law dn(a)/da = ap with
p = �3.5. During the radiative transfer calculation, we consider
100 di↵erent sizes of grains ranging from 0.03 µm to 1 cm. We
note that our PLUTO simulations only contain four dust species
of 0.1, 0.3, 3 and 10 mm, which all possess the same initial mass.
Thus, to construct the distribution of each grain population,
MCFOST automatically interpolates the axisymmetric PLUTO
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Fig. 13. Top: flux density ⌫F⌫ in W m�2 pixel�1 calculated by MCFOST, with the disc viewed face-on (left panel) and edge-on (right panel) for
� = 1 mm. This is calculated for t = 500T0 and � = 103. Bottom: same images but convolved with a Gaussian kernel with a full width half
maximum (FWHM) of 3 AU. The white dashed lines in the right panels shows the surface z = Hg for R = 200 AU.

Fig. 14. Top panel: convolved flux density ⌫F⌫ in W m�2 pixel�1 as a
function of radius. Bottom panel: spectral index ↵s = d log F(⌫)/d log ⌫
as a function of radius measured between � = 1 mm (ALMA band 7)
and � = 3 mm (ALMA band 3).

density fields between the input sizes, and then normalises them
to make sure that dn(a)/da = ap with the additional constraint
that the gas-to-dust ratio is 100. Such a re-normalisation pro-
cedure can be achieved because the dust has almost relatively
weak feedback on the gas (since the dust-to-gas ratio remains
relatively low (< 0.3) in all simulations). We note that during
the interpolation, we assume that the smallest grains of 0.03 µm
follow the gas distribution exactly.

In the upper panels of Fig. 13, we show the image of our disc
for � = 103 calculated at a given wavelength (� = 1 mm), corre-

sponding to ALMA band 7, in a face-on (left) and edge-on (right)
configuration. To take into account the resolution of instruments
like ALMA, in the lower panels we show the same images con-
volved with a Gaussian kernel with a full width half maximum
(FWHM) of 3 AU. This resolution is typically expected for an
object located at 140 pc and for a radio-telescope baseline of
15 km. In the original image, between ten and 50 AU we see a
series of eight concentric rings that correspond to the location
of the pressure maxima in Fig. 12 where the millimetre dust is
trapped. In the convolved image, these rings are reduced to one
bright inner ring and a second fainter ring (see also top panel of
Fig. 14). A wide gap is obtained at 50 AU, followed by other
bright rings in the outer regions (in particular one at R = 70 AU
and another at R = 100 AU in the convolved image). The typi-
cal contrast at 50 AU in the convolved image is 7–8, while the
separation between the gaps or the rings is close to 20 AU. In
the edge-on configuration, the disc thickness is about 5 AU at
R = 200 AU, which corresponds to 0.5 Hg. For � = 1 mm, most
of the thermal emission comes from grains of �/2⇡ ' 160 µm,
which are indeed contained in a layer of ⇡0.5Hg at R = 200 AU
according to Fig. 11. We note that the emission is lower in the
midplane of the disc than in the layers above (see Appendix A
showing the vertical profile of the flux density). This is due to the
smaller temperature in the midplane, resulting from the strong
sedimentation of mm to cm grains.

We also show, in the bottom panel of Fig. 14, the spec-
tral index ↵s = d log F(⌫)/d log ⌫ as a function of the radius
obtained by comparing the image at � = 1 mm with the image at
� = 3 mm. The spectral index ranges between 2.5 and 3.5, sug-
gesting that the disc deviates slightly from a black body (whose
spectral index is 2 in the Rayleigh-Jeans regime). The spectral
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blue andMR in red), they have a similar influence on the accre-
tion, and can be comparable toMsurf if combined. In summary,
MR ' RR,Msurf � Rsurf andMsurf + Rsurf &MR + RR in gen-
eral, except for strong negative gradients in the gas density, for
example near the gaps’ inner edge. Although there is a variabil-
ity in the radial profile of the four torques, the torques per unit of
surface density are relatively constant radially on average. Due
to the importance of theMsurf term, we define the dimensionless
parameter � as in Lesur (2021):

� = �
h
hB�Bzi�

i+
�

h⌃i�⌦2
K

H
=
Msurf

h0v
2
K
h⌃i�
, (23)

which, when positive, gives an idea of the vertical evacuation of
angular momentum from the disk by the magnetic torque at the
disk surface. In practice with this definition, � is positive when
the wind extracts angular momentum from the disk. We note that
for �0 = 104, that is at lower magnetization, assuming that Rsurf
is still negligible, RR is actually the dominant term in the internal
parts of the disk (R < 3, where RR/Msurf  10), whereasMsurf
takes over in the external parts of the disk. It is safe to neglect
Rsurf here as it is proportional to the density, which is small at
the disk surface z = 4H. We also define the ejection e�ciency
dimensionless parameter ⇠ as:

⇠ =
2⇡R2

h
h⇢vzi�

i+
�

Ṁacc
, (24)

which quantifies the fraction of the accreted material that is
ejected. Another important quantity related to the radial trans-
port e�ciency is the ↵⌫ (Shakura & Sunyaev 1973) parameter:

↵⌫ =
hWR�i�
hPi�

= ↵R

⌫ + ↵
M

⌫ . (25)

where ↵R

⌫ and ↵M

⌫ are respectively related to the Reynolds and
Maxwell components of the radial stress. We also define a di-
mensionless parameter ↵dw, similar to the one introduced in
Tabone et al. (2022), and which we can divide in Reynolds (↵R

dw)
and Maxwell (↵M

dw) contributions:

↵dw =
R

h
hWz�i�

i+
�

hPi�
= ↵R

dw + ↵
M

dw. (26)

We note that � ' h0↵M

dw ' h0↵dw, using Eq. 23, hPi� ' h⌃i�c̃s
2

and ↵R

dw ⌧ ↵M

dw.
In Appendix B.2, we address the radial transport e�ciency

and the level of turbulence in the 3D planet-free run 3D-�3, tem-
porally averaged between 50 and 100 orbits. In particular, we
compare ↵⌫ but also the turbulent component of ↵R

⌫ with their
corresponding values in the run 10Me-�3. We show that the total
radial transport of angular momentum is barely a↵ected by the
presence of a low-mass planet, except close to its coorbital re-
gion. We also show that the level of turbulence is similar in both
cases near the coorbital region, but 2 � 3 times lower elsewhere
for the low-mass planet case. This may be due to the presence of
non-axisymmetric spiral features that weaken the turbulence, as
in Ziampras et al. (2022), but is beyond the scope of this study.

Fig. 2: Gas surface density maps for the eight MHD runs, after
200 planet orbits. The four rows show the di↵erent values of the
planet mass. The two columns show the di↵erent values of the
initial �0 parameter. The white circle marks the planet location.

3. Results

3.1. Gap opening

3.1.1. Overview

We consider the opening of a planet gap in a wind-launching
disk. The disk surface density structures after 200 planet orbits
are shown in the cartesian maps of Figure 2, for the di↵erent
planet masses (four rows), and �0 parameters (two columns).
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ejected. Another important quantity related to the radial trans-
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3. Results

3.1. Gap opening

3.1.1. Overview

We consider the opening of a planet gap in a wind-launching
disk. The disk surface density structures after 200 planet orbits
are shown in the cartesian maps of Figure 2, for the di↵erent
planet masses (four rows), and �0 parameters (two columns).
The colormap indicates the logarithm of the gas surface density,
with purple for low-density regions, and red for high-density re-
gions. In these maps, we detect the presence of an annular planet-
induced gap, whenever qp � 3 ⇥ 10�4 (Ms). In terms of qp/h3

p

parameter, this is coherent with the classical condition for non-
linear e↵ects in the flow whenever qp/h3

p
. 1, although this con-

dition also depends on the level of turbulence ↵⌫ (see the gap-
opening criterion in Crida et al. 2006) and should be less true for
highly magnetized disks (see the extended gap-opening criterion
in Elbakyan et al. 2022). The gap is wider and deeper when the
planet mass is higher, with at least a factor 10 between the 3Mj

and the Ms cases. For a given Mp � Ms, the gap is denser when
�0 is larger, with a factor of the order of 5. For all �0, when
Mp � Mj, the horseshoe region appears clearly asymmetrical,
with a di↵erence in density in front of and behind the planet in
azimuth (see panel a. of the sktech presented in Figure 3). As
in Baruteau et al. (2011), this kind of asymmetry in the horse-
shoe region could generate a positive or negative contribution in
the total gravitational torque exerted by the gas onto the planet
due to a static corotation torque (see Section 3.3). For massive
planets (Mp � Mj) and highly magnetized disk (�0 = 103), in ad-
dition to this azimuthal asymmetry, there is also a two-fold radial
asymmetry, with the outer gap wider (see panel b. of Figure 3)
and deeper (see panel c. of Figure 3) than the inner gap. In prac-
tice, the planet is therefore closer to the gap’s inner edge than the
gap’s outer edge. After 400 orbits, for the case Mj-�3, the inner
gap can be three times narrower and three times denser than the

Fig. 2: Gas surface density maps for the eight MHD runs, after
200 planet orbits. The four rows show the di↵erent values of the
planet mass. The two columns show the di↵erent values of the
initial �0 parameter. The white circle marks the planet location.

outer gap. The sketch in Figure 3 isolates these three asymme-
tries, labeled as azimuthal asymmetry, radial width asymmetry
and radial depth asymmetry.

We are able to retrieve the inner and outer planet wakes in all
cases, although the fixed colorbar that we choose does not allow
to disentangle for the lowest planet mass case the wakes-induced
perturbations from perturbations independent of the planet pres-
ence. For all planet masses and disk magnetizations, sponta-
neous zonal flows emerge in the simulations, associated with
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Secondary gaps  
(due to wind-driven structure formation 
cf Béthune+2017, Riols+2020)

[Wafflard-Fernandez & Lesur 2024]

Planets still open gaps 
Gap opening criterion and depth depends on the field strength 



Gap morphology
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Fig. 4: Space-time diagrams showing the evolution of the logarithm of the gas surface density ⌃ for the nine runs divided in four
groups of di↵erent planet masses. The top plot of each group has the lowest magnetization, whereas the bottom plot has the highest.
The radial extent of all the diagrams range from 0.5 to 1.5 code units, with the planet at R = 1. We pinpoint as E1 and E2 two
episodes in the run Mj-�3 that will be discussed in Section 3.2.3.

(as in Riols et al. 2020). Note that the emission rings induced by
self-organisation are expected to be deeper and more extended
in 3D than in the 2D axisymmetric models of Riols et al. (2020).
In any case, we have here two di↵erent mechanisms able to gen-
erate multiple annular substructures all at once, which could be
valuable for comparison purpose (in particular concerning the
kinematical signatures of such gaps in the gas).

We note that we also retrieve the formation of several small-
scale vortices at the gap’s outer edge corresponding to vortensity
minima, probably arising because of the Rossby-Wave Instabil-

ity (RWI, Lovelace et al. 1999). Such vortices eventually merge
in one large-scale vortex. This is particularly visible early in the
run 3Mj-�4. Then, the vortex gradually disappears and becomes
axisymmetric. Such vortex is actually composed of numerous
small-scale structures that resemble the ones obtained with ellip-
tical instability in Lesur & Papaloizou (2009). Large-scale vor-
tices are mostly transient in our non-ideal MHD simulations, but
some non-axisymmetric structures can also appear quite late un-
til the end of the simulation, for example at R ' 1.3 for the run
10Me-�4.
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A collapsing core

Chemical network to account for non-ideal effects  
[Ohmic & Ambipolar]

Setup inspired from Masson et al. (2016):


Start from a uniformly rotating supercritical 
 core


initial = 2500 


Barotropic EOS : 


1 M⨀

Rcore au

T ∝ T0 1 + ( n
ncr )

4/5

ncr = 1011 cm−3 ⇔ 1st hydrostatic core
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• Anisotropic infall and a flattening of the core

• Field line deformation that acquire the classic 

hourglass shape

• Field line dragging

Let’s zoom in

Jonah Mauxion



Long timescale evolution

37

[Mauxion+2024]edge-on view Top view

Jonah Mauxion



Long timescale evolution (cont’d)
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Constraining the large scale field
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Initial conditions 
(class 0) 

[Masson 2016, Xu & Kunz 
2021, Mauxion 2023, …]

Tchouri
[Bierstecker+ 2019]

TW-Hya
[Vlemmings+2019]

B must decay by ~102 at 10 AU from class 0 to class II

wind-driven accretion in class II 

@

 

[Lesur 2021]

10 −8M
⊙ /yr


